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with DCBHs and Pop III remnants, these star cluster black hole seeds can then become
supermassive through accretion.

It is di�cult to identify which type of seed black hole is responsible for the formation
of SMBHs as each of the possible scenarios requires the seeds to form at very high
redshift, which cannot be investigated with current technologies. It is therefore necessary
to determine the e↵ects of black hole seed formation on the later stages of evolution
of massive black holes and their galaxies. It is thought that the evolution of massive
black holes likely plays a strong role in the formation and evolution of galaxies[18, 19].
Indeed, at low redshift, observations have recently shown correlations between the mass
of a SMBH and various components of its host galaxy[20].

Theoretical work has shown how galaxies forming at high redshift have marginally-stable,
thick discs which can become unstable via gas accretion from cold streams [21]. These
instabilities form clumps in the disc which are then able to either collapse to form stars or
travel in wards before collapsing, resulting in a redistribution of the mass of the galaxy.
A compact massive object in the centre of galaxy-forming haloes would act to stabilise
these discs through increased rotational support. This could prevent the collapse of gas
to form stars, allowing young galaxies to maintain a higher gas mass fraction than would
otherwise be expected. The presence of a massive seed black hole would therefore greatly
a↵ect the properties of galaxies at high redshift.

Figure 1: Plot showing the mass growth of black hole seeds with time (the age of the
Universe) and redshift for di↵erent Eddington e�ciencies assuming MBH = 109 M�,
✏ = 0.1, at z = 6.
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FIG. 10.ÈRun A: Gas properties at z \ 31.2. (a) Free electron abundance vs. hydrogen number density (in cm~3). At densities exceeding n D 103 cm~3,
recombination is very efficient, and the gas becomes almost neutral. (b) Hydrogen molecule abundance vs. number density. After a quick initial rise, the H2abundance approaches the asymptotic value of f D 10~3, owing to the operation of the H~ channel. (c) Gas temperature vs. number density. At densities
below D1 cm~3, the gas temperature rises because of adiabatic compression until it reaches the virial value of K. At higher densities, cooling dueTvir ^ 5000
to drives the temperature down again, until the gas settles into a quasi- hydrostatic state at T D 500 K and n D 104 cm~3. Upon further compression dueH2to the onset of the gravitational instability, the temperature experiences a modest rise again. (d) Jeans mass (in vs. number density. The Jeans massM

_
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reaches a value of for the quasi-hydrostatic gas in the center of the DM potential well, and reaches the resolution limit of the simulation,MJ D 103 M
_for densities close to the merging threshold of n \ 108 cm~3.Mres ^ 200 M
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FIG. 11.ÈRun A: Important timescales at z \ 31.3. Shown is the situ-
ation brieÑy before the formation of the Ðrst clump. (a) Free-fall timescale
(solid line) and cooling timescale (dotted symbols) vs. number density (in
cm~3). Timescales are in units of 106 yr. The gas particles pile up at a
density of n D 104 cm~3, where (b) Free-fall timescale (solid line)tcool ^ tff.and sound-crossing timescale (dotted symbols) vs. number density (in
cm~3). The onset of the Jeans instability (i.e., at n D 104 cm~3tsound [ tff)coincides with the condition in (a).tcool ^ tff

are initially unimportant, one is left with the classic battle
between gravity and thermal pressure, as originally
envisioned by Jeans (1902). Primordial star formation,
therefore, might be the most clear-cut setting for the appli-
cation of the Jeans criterion.

4.2.3. Exploring Parameter Space
We now harness the key advantage of our method, the

ability to perform controlled experiments, and ask how sen-
sitive the results, obtained in run A, are to variations in the
initial conditions. Again, we here discuss the simulations up
to the formation of the Ðrst clumps, and turn to the further
clump evolution later.

Spectral index.ÈTo investigate the role of the DM sub-
structure, we consider in run E the case of a white-noise
spectrum, P(k) P k0. Admittedly, such a spectrum is physi-
cally ad hoc, in contrast to the k~3 case, which is ultimately
motivated by the theory of inÑation. With the rms Ñuctua-
tion on a given mass scale being p(M) P M~(n`3)@6 for spec-
tral index n, one Ðnds

p(M) P 456
0
0

const. for k~3 ,
M~1@2 for k0 .

(33)

The k~3 case, therefore, has approximately equal power on
all mass scales, whereas the smallest resolvable scale (given

Bromm et al. 2002

M
Je

an
s

T 
[K

]
X e f H

2
Atomic cooling halo, T~104 K; metal free; no star; no molecules
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2.1 Star formation in the FiBY

Our prescription for star formation is based on a pressure
law and is designed to yield results consistent with the
observed Schmidt-Kennicutt law (Schmidt 1959; Kennicutt
1998), as described by Schaye & Dalla Vecchia (2008). We
set the threshold density above which star formation occurs
to n = 10 cm−3 which, as we argue in Appendix A, is suf-
ficiently high to resolve the impact that LW radiation has
in destroying H2 molecules in the primordial gas and di-
minishing the efficiency with which it cools. As the Pop III
star formation rate (SFR) is strongly regulated by this feed-
back, it is crucial that we resolve such high densities. Above
this threshold density, we use an effective equation of state
with the pressure (over Boltzmann’s constant kB) normal-
ized to P0/kB = 102 cm3 K at n =10 cm−3, with an effective
adiabatic index γeff =4/3. More details about our star for-
mation prescription, and the motivation for it, can be found
in Schaye & Dalla Vecchia (2008).

Below we describe our choices for the IMFs of Pops II
and III stars, as well as our choice for the metallicity at
which the IMF changes from one to the other.

2.1.1 Pop III star formation

As the properties of metal-free stellar populations are ex-
pected to be markedly different from those of metal-enriched
populations, both due to the lower opacity of their interiors
(e.g. Siess et al. 2002; Lawlor et al. 2008) which leads to
higher surface temperatures (e.g. Schaerer 2002) and to a
more top-heavy initial mass function (IMF; e.g. Bromm &
Larson 2004), our star formation prescriptions differ depend-
ing on the metallicity of the star-forming gas.

For the IMF of Pop III stars, we assume that it takes the
form of a power-law with a Salpeter slope (Salpeter 1955).
While the Pop III IMF is unknown and not well-constrained,
this functional form is found to describe well the present-day
IMF in a large variety of environments (e.g. Bastian et al.
2010; see however Cappellari et al. 2012 on a systematic
changing IMF). Along with this, the upper (M∗,upper) and
lower (M∗,lower) initial mass limits of stars fully specify the
IMF. For our choice of these values, we follow Bromm &
Loeb (2004) and Karlsson et al. (2008) for the upper and
lower mass limits, respectively. We choose M∗,upper = 500
M⊙, as the former authors show that this is roughly the
maximum mass that is likely attainable for Pop III stars
under typical conditions. The latter authors used data on the
chemical abundances of metal-poor stars to estimate that
only a fraction γPISN <

∼ 0.07 of Pop III stars had masses
in the range (between ≃ 140 and ≃ 260 M⊙; e.g. Heger et
al. 2003) in which they explode as powerful pair-instability
SNe (PISNe). For the lower mass limit we assume M∗,lower

= 21 M⊙, which is the maximum value consistent with this
limit on γPISN and with our assumption of a Salpeter slope.

2.1.2 Pop II star formation

For the Pop II stellar IMF, we adopt that of Chabrier
(2003), which has a Salpeter slope at the high mass end and
which extends down to sub-solar masses. This choice is moti-
vated by theoretical studies which show that, with increasing
metallicity of the star-forming gas, the IMF shifts rapidly

from that of Pop III stars to a much more bottom-heavy
IMF, with characteristic stellar masses much like those in
the present-day Universe (e.g. Bromm et al. 2001; Schneider
et al. 2003; Omukai et al. 2005; Santoro & Shull 2006).

While the ’critical metallicity’ at which this transition
in the stellar IMF takes place is unknown, we have chosen a
value of the metallicity above which Pop II stars form and
below which Pop III stars form3 that is roughly consistent
with the prevailing theory as well as with the inferred metal-
licities of the most metal-poor stars (e.g. Frebel et al. 2007;
Caffau et al. 2011). The critical metallicity that we assume
is Zcrit = 10−4 Z⊙ (with Z⊙ = 0.02). Based on the results
of similar cosmological simulations (e.g. Maio et al. 2011),
we do not expect our results to depend sensitively on this
choice. In a companion paper, the details of the Pop III to
Pop II transition in the FiBY simulations will be discussed
further (Maio et al. in prep).

2.2 H2 photodissociation and H− photoionization

feedback from stars in the FiBY

In our simulation including LW feedback from stars, we in-
clude the effects of two photoreactions which impact the
abundance of molecular hydrogen (H2), H2 dissociation and
H− ionization:

H2 + hν → 2H (1)

H− + hν → H+ e− . (2)

We consider separately the cosmological background
LW radiation field from distant sources and that produced
by local sources. These components of the dissociating and
ionizing flux will be added together to estimate the time- and
space-dependent total radiative flux. In turn, these fluxes are
converted into photodestruction rates, which are updated on
the fly in our primordial chemical network as described be-
low in Section 2.2.4.

2.2.1 The contribution from a radiation background

As the mean free path of LW photons in the early universe
is on the order of physical Mpc (e.g. Haiman et al. 1997) –
much larger scales than are captured in our simulation vol-
ume – we must account for the presence of a cosmological
LW background radiation field generated by stars well out-
side our simulation box. To obtain an estimate of the level
of the LW background, we follow the approach outlined by
Greif & Bromm (2006) which accounts for the cosmological
rates of both Pop II and Pop III star formation. In general,
we have for the flux JLW of LW radiation, as a function
of the the mass density in stars ρ∗ and the number of LW
photons produced per stellar baryon ηLW,

3 We note that while, by definition, any star formed with a non-
zero metallicity is not a Pop III star, we refer to Pop III stars
here as those formed with a metallicity lower than the critical
metallicity required for the IMF to transition from that common
to Pop III stars to that inferred for stars in the present-day Uni-
verse. We emphasize that it is still possible that some low-mass
(<∼ 1 M⊙) stars may form from primordial gas, although the
overall IMF of primordial stars is expected to be very top-heavy
relative to that of Pop II stars (e.g. Greif et al. 2011).
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GADGET version used for the OWLS project 
(Schaye et al. 2010): SF; metal enrichment; 
metal line cooling from 11 elements; BH 
growth and feedback, thermal SN-feedback 

Added molecular networks and cooling from 
molecules 

Added POPIII formation, evolution, PISN; and 
yields; seed BHs  

Added dust from PISN, AGB & SNII; thermal 
sputtering  

Inclusion of Lyman-Werner background  

Self-shielding against radiation 

Coupled to radiative transfer scheme SIMPLEX 
(Paardekooper et al, 2013,2015) mgas = 890M�h
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N = 2⇥ 13683

Reduce ‘the mass gap’ by following the formation of galaxies from 
primordial star formation in min-haloes to massive haloes during the 
first billion years of the Universe 
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particles (which represent individual, evolving stellar clus-
ters), as described in Dalla Vecchia & Schaye (2012). For the
feedback from Pop II SNe, for each SN that occurs 1051 erg
of thermal energy is distributed stochastically to neighbor-
ing SPH particles by instantaneously assigning them a gas
temperature of 107.5 K. As Dalla Vecchia & Schaye (2012)
show, for the resolution of our simulations this prescription
suffices to capture the deposition of mechanical energy into
the ISM reliably well. We use the same technique to model
feedback from Pop III stars but we differentiate between
type II SNe which occur for initial stellar masses 9 <

∼ M∗

<
∼ 40, and the more powerful PISNe which occur for initial
stellar masses 140 <

∼ M∗
<
∼ 260 (Heger et al. 2003). For

the former we inject 1051 erg per SN, while for the latter
we inject 3 × 1052 erg per SN which is the average PISN
energy found from the suite of models computed by Heger
& Woosley (2002).

2.3.2 Metal enrichment

We follow the prescription for metal enrichment presented
in Wiersma et al. (2009a), which is similar to that also em-
ployed by Tornatore et al. (2007b). In this implementation,
Pop II star particles continuously release hydrogen, helium,
and metals into the surrounding gas in abundances calcu-
lated according to tabulated yields for types Ia and II SNe,
and from asymptotic giant branch (AGB) stars. The mixing
of this material with the surrounding ISM is modelled by
transferring it to neighboring SPH particles in proportions
weighted by the SPH kernel. We use the same technique to
model metal enrichment from Pop III stars, but we adopt the
appropriate different chemical yields for type II SNe (Heger
& Woosley 2010) and PISNe (Heger & Woosley 2002).

2.4 Reionization in the FiBY

Concurrent with the build-up of the LW background ra-
diation field is the onset of reionization, the process by
which the intergalactic medium becomes heated and ion-
ized at z >

∼ 6 (e.g. Ciardi & Ferrara 2005). We adopt a
simple approach to account for the effects of reionization.
In particular, we assume that reionization takes place uni-
formly throughout our simulation volume starting at z =
12, roughly consistent with range of redshifts inferred for
instantaneous reionization by WMAP (e.g. Komatsu et al.
2011) and also with the limit of ∆z > 0.06 for the extent of
reionization reported by Bowman & Rogers (2010).

In practice, to model the effects of reionization, at z =
12 we switch from the collisional to photoionization equilib-
rium cooling tables, which account for heating by the ion-
izing background radiation field given by Haardt & Madau
(2001). This results in a gradual heating of the IGM to ∼

104 K. To account for the shielding of dense gas from the
ionizing radiation, we adopt a maximum density thresheld
nshield,ion below which the gas is subjected to the full ra-
diative flux; following Nagamine et al. (2010) we choose
nshield,ion = 0.01 cm−3. At densities above nshield,ion the
flux is decreased from the unattentuated value by a frac-
tion (n/nshield,ion)

−2, which is proportional to the recombi-
nation rate and allows for a continuous transition betwee the
shielded and unshielded regimes. The cooling rates are then

Figure 1. Top panel: The comoving formation rate density of
Pop III stars (dashed lines) and of all stars (solid lines), in our
simulations with (red) and without (yellow) LW feedback, as a
function of redshift z. Also plotted here (gray points) are the
star formation rate densities inferred from data on high-z galax-
ies, compiled from Hopkins & Beacom (2006), Mannucci et al.
(2007), and Bouwens et al. (2008). Bottom panel: The level of
the cosmological background LW flux in our simulation with LW
feedback, in units of 10−21 erg s−1 cm−2 Hz−1 sr−1, due to Pop
II stars (dashed green line), Pop III stars (dashed red line), and
both populations together (solid yellow line).

derived by interpolation between the collisional equilibrium
and photoionization equilibrium tables.

3 RESULTS

Here we report the results of our two simulations, one in-
cluding the effects of LW feedback (in dissociating H2 and
ionizing H−, as described in Section 2.2) and one neglecting
them. We discuss a variety of results pertaining to the co-
evolution of the stellar Populations II and III that we model,
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feedback from Pop III stars but we differentiate between
type II SNe which occur for initial stellar masses 9 <

∼ M∗

<
∼ 40, and the more powerful PISNe which occur for initial
stellar masses 140 <

∼ M∗
<
∼ 260 (Heger et al. 2003). For

the former we inject 1051 erg per SN, while for the latter
we inject 3 × 1052 erg per SN which is the average PISN
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3 RESULTS

Here we report the results of our two simulations, one in-
cluding the effects of LW feedback (in dissociating H2 and
ionizing H−, as described in Section 2.2) and one neglecting
them. We discuss a variety of results pertaining to the co-
evolution of the stellar Populations II and III that we model,
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2.1 Star formation in the FiBY

Our prescription for star formation is based on a pressure
law and is designed to yield results consistent with the
observed Schmidt-Kennicutt law (Schmidt 1959; Kennicutt
1998), as described by Schaye & Dalla Vecchia (2008). We
set the threshold density above which star formation occurs
to n = 10 cm−3 which, as we argue in Appendix A, is suf-
ficiently high to resolve the impact that LW radiation has
in destroying H2 molecules in the primordial gas and di-
minishing the efficiency with which it cools. As the Pop III
star formation rate (SFR) is strongly regulated by this feed-
back, it is crucial that we resolve such high densities. Above
this threshold density, we use an effective equation of state
with the pressure (over Boltzmann’s constant kB) normal-
ized to P0/kB = 102 cm3 K at n =10 cm−3, with an effective
adiabatic index γeff =4/3. More details about our star for-
mation prescription, and the motivation for it, can be found
in Schaye & Dalla Vecchia (2008).

Below we describe our choices for the IMFs of Pops II
and III stars, as well as our choice for the metallicity at
which the IMF changes from one to the other.

2.1.1 Pop III star formation

As the properties of metal-free stellar populations are ex-
pected to be markedly different from those of metal-enriched
populations, both due to the lower opacity of their interiors
(e.g. Siess et al. 2002; Lawlor et al. 2008) which leads to
higher surface temperatures (e.g. Schaerer 2002) and to a
more top-heavy initial mass function (IMF; e.g. Bromm &
Larson 2004), our star formation prescriptions differ depend-
ing on the metallicity of the star-forming gas.

For the IMF of Pop III stars, we assume that it takes the
form of a power-law with a Salpeter slope (Salpeter 1955).
While the Pop III IMF is unknown and not well-constrained,
this functional form is found to describe well the present-day
IMF in a large variety of environments (e.g. Bastian et al.
2010; see however Cappellari et al. 2012 on a systematic
changing IMF). Along with this, the upper (M∗,upper) and
lower (M∗,lower) initial mass limits of stars fully specify the
IMF. For our choice of these values, we follow Bromm &
Loeb (2004) and Karlsson et al. (2008) for the upper and
lower mass limits, respectively. We choose M∗,upper = 500
M⊙, as the former authors show that this is roughly the
maximum mass that is likely attainable for Pop III stars
under typical conditions. The latter authors used data on the
chemical abundances of metal-poor stars to estimate that
only a fraction γPISN <

∼ 0.07 of Pop III stars had masses
in the range (between ≃ 140 and ≃ 260 M⊙; e.g. Heger et
al. 2003) in which they explode as powerful pair-instability
SNe (PISNe). For the lower mass limit we assume M∗,lower

= 21 M⊙, which is the maximum value consistent with this
limit on γPISN and with our assumption of a Salpeter slope.

2.1.2 Pop II star formation

For the Pop II stellar IMF, we adopt that of Chabrier
(2003), which has a Salpeter slope at the high mass end and
which extends down to sub-solar masses. This choice is moti-
vated by theoretical studies which show that, with increasing
metallicity of the star-forming gas, the IMF shifts rapidly

from that of Pop III stars to a much more bottom-heavy
IMF, with characteristic stellar masses much like those in
the present-day Universe (e.g. Bromm et al. 2001; Schneider
et al. 2003; Omukai et al. 2005; Santoro & Shull 2006).

While the ’critical metallicity’ at which this transition
in the stellar IMF takes place is unknown, we have chosen a
value of the metallicity above which Pop II stars form and
below which Pop III stars form3 that is roughly consistent
with the prevailing theory as well as with the inferred metal-
licities of the most metal-poor stars (e.g. Frebel et al. 2007;
Caffau et al. 2011). The critical metallicity that we assume
is Zcrit = 10−4 Z⊙ (with Z⊙ = 0.02). Based on the results
of similar cosmological simulations (e.g. Maio et al. 2011),
we do not expect our results to depend sensitively on this
choice. In a companion paper, the details of the Pop III to
Pop II transition in the FiBY simulations will be discussed
further (Maio et al. in prep).

2.2 H2 photodissociation and H− photoionization

feedback from stars in the FiBY

In our simulation including LW feedback from stars, we in-
clude the effects of two photoreactions which impact the
abundance of molecular hydrogen (H2), H2 dissociation and
H− ionization:

H2 + hν → 2H (1)

H− + hν → H+ e− . (2)

We consider separately the cosmological background
LW radiation field from distant sources and that produced
by local sources. These components of the dissociating and
ionizing flux will be added together to estimate the time- and
space-dependent total radiative flux. In turn, these fluxes are
converted into photodestruction rates, which are updated on
the fly in our primordial chemical network as described be-
low in Section 2.2.4.

2.2.1 The contribution from a radiation background

As the mean free path of LW photons in the early universe
is on the order of physical Mpc (e.g. Haiman et al. 1997) –
much larger scales than are captured in our simulation vol-
ume – we must account for the presence of a cosmological
LW background radiation field generated by stars well out-
side our simulation box. To obtain an estimate of the level
of the LW background, we follow the approach outlined by
Greif & Bromm (2006) which accounts for the cosmological
rates of both Pop II and Pop III star formation. In general,
we have for the flux JLW of LW radiation, as a function
of the the mass density in stars ρ∗ and the number of LW
photons produced per stellar baryon ηLW,

3 We note that while, by definition, any star formed with a non-
zero metallicity is not a Pop III star, we refer to Pop III stars
here as those formed with a metallicity lower than the critical
metallicity required for the IMF to transition from that common
to Pop III stars to that inferred for stars in the present-day Uni-
verse. We emphasize that it is still possible that some low-mass
(<∼ 1 M⊙) stars may form from primordial gas, although the
overall IMF of primordial stars is expected to be very top-heavy
relative to that of Pop II stars (e.g. Greif et al. 2011).
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Figure 10. The mass-weighted PDFs of LW flux produced by individual (local) stellar sources. The PDFs for all gas in the simulation (top row), just the
densest (n ≥ 1 cm−3) gas (middle row) and just the primordial gas with n ≥ 1 cm−3 (bottom row) are shown, at z = 6 (right-hand column), 10 (middle column)
and 14 (left-hand column). The PDFs of the flux generated by Pop II stars only (green), Pop III stars only (red) and the total flux generated by both stellar
populations together (yellow) are shown in each panel. The dashed vertical lines denote the level of the LW background radiation field produced by Pop II stars
only (dashed red lines), Pop III stars only (dashed green lines) and both together (dashed yellow lines). The dotted vertical lines in the bottom panels denote
the critical values of the LW radiation field for the formation of black holes by direct collapse from dense gas in pristine haloes, if produced by Pop II stars
(green dotted lines) or by Pop III stars (red dotted lines).

formation of molecules (e.g. Dijkstra et al. 2008; Shang et al. 2010;
but see also Sethi, Haiman & Pandey 2010; Inayoshi & Omukai
2012).

Shang et al. (2010; see also Omukai 2001; Wolcott-Green et al.
2011) find that the ‘critical’ value J21,crit of the LW flux required
in this scenario is sensitively dependent on the shape of the spec-
trum of the radiation, with the spectra of cooler stars producing
more H−-ionizing radiation which prevents H2 formation as dis-
cussed in Section 2.2. For radiation produced by Pop III stars with
surface temperatures of 105 K and by Pop II stars with surface tem-
peratures of 104 K, they find critical LW fluxes of J21,III,crit ≃ 103

and J21,II,crit ≃ 30, respectively. These values of the critical flux
are shown in the bottom panels of Fig. 10, in which the PDFs of
the LW flux for dense (nH ≥ 1 cm−3) primordial gas are presented.
As shown in the bottom-left panel, at z = 14 a small fraction
of the dense primordial gas (and an even smaller fraction of the
overall gas) is exposed to a LW flux produced by Pop II stars
that exceeds the critical value for this population. While not all
of this gas is located in chemically pristine haloes that have not
previously hosted star formation, we have verified that ∼10 per
cent of pristine gas does indeed reside in such haloes at z = 14.
As it is likely that the gas must be of primordial composition in
order for a supermassive star, and subsequently a black hole, to
form (Omukai, Schneider & Haiman 2008), we expect that it is in
these haloes in which supermassive black hole seed formation will
occur.

This suggests that the conditions for direct collapse black hole
formation may indeed be realized in rare regions where local stellar
sources produce very high levels of LW flux. These conditions
are also found at redshifts down to at least z = 6, as shown in
the bottom-right panel of Fig. 10. This is broadly consistent with
the more detailed results found by Agarwal et al. (2012) on the
frequency with which direct collapse black holes form in the early

Universe, and supports the view that a large fraction of supermassive
black holes may have originated via direct collapse (see also Petri
et al. 2012).

Finally, we note that this result suggests that this mechanism
may have been the main avenue for black hole formation in the
early Universe. Even if all of the mass in stars formed by z = 14 in
our simulation, shown in Fig. 7, was converted into black holes, it
would be less than the ∼105 M⊙ expected for the mass of a black
hole formed by direct collapse as outlined above (e.g. Shang et al.
2010; Johnson et al. 2012). Thus, it may be that most of the mass in
black holes in the early Universe is contained in black holes formed
by direct collapse in chemically pristine haloes exposed to high LW
flux (see also Agarwal et al. 2012).

3.5 The expected Pop III pair-instability supernova rate

It is likely that Pop III star-forming galaxies in the early Universe are
too dim to be identified in upcoming surveys by even the most pow-
erful telescopes, such as the James Webb Space Telescope (JWST;
Barkana & Loeb 2000; Gardner et al. 2006; Ricotti et al. 2008;
Johnson et al. 2009; Pawlik, Milosavljević & Bromm 2011).10 How-
ever, if the Pop III IMF is sufficiently top heavy, there is a good
possibility of detecting Pop III PISNe from primordial galaxies
(e.g. Scannapieco et al. 2005; Weinmann & Lilly 2005; Wise &
Abel 2005; Mesinger, Johnson & Haiman 2006b; Hummel et al.
2012; Pan, Kasen & Loeb 2012), given their high luminosities and
spectral signatures (e.g. Kasen, Woosley & Heger 2011; Frey et al.
2012).

10 There is, however, the possibility of observing Pop III galaxies if they are
gravitationally lensed (see e.g. Zackrisson et al. 2012).
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Figure 4. The merger tree for the DCBH candidate haloes, DC0, DC2 and DC3 marked by the cross (use arrows to guide the eye). The left-branch represents
the main progenitor branch of the halo with which the DC candidate merges. On the right of this branch, we plot the merger history of the main progenitor
halo with which the DC candidate merges. Enclosing circles imply that the halo is the most massive halo within its FoF group. The haloes are colour-coded
by their DM mass.
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Figure 5. Top: J local
LW,II slices along the XY, YZ and ZX plane centred around DC0 (black dot) spanning 50 physical kpc along each axis. The neighbouring

galaxies producing the J local
LW,II are marked by a star symbol. The dotted contour line marks the region enclosing Jcrit,II = 30. Bottom: Metallicity slices

along the XY, YZ and ZX plane centred around DC0 (empty circle) spanning 50 physical kpc along each axis and averaged over 10 physical kpc over the
remaining axis. Interestingly despite the close proximity of galaxies, the DC candidate exists in a metal free region.

to quantify if such sites could exist in a cosmological simulation
that forms Pop III and Pop II stars self-consistently, accounts for
a self–consistent build up of local and global LW radiation flux,
and includes metal dispersion via SNe and stellar winds. In order
to identify such DC sites, we first identified a sample of pristine,
atomic cooling, non star forming haloes and then selected the ones

that are exposed to the highest levels of LW radiation, as outlined
in Sec. 3.1.

The sample of 6 haloes identified in this study hints towards
the haloes being possible sites of DCBH, however, the formation of
a DCBH would depend on the state of the subsequent gas collapse,
which could be probed by extracting these haloes and simulating
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Figure 5. Top: J local
LW,II slices along the XY, YZ and ZX plane centred around DC0 (black dot) spanning 50 physical kpc along each axis. The neighbouring

galaxies producing the J local
LW,II are marked by a star symbol. The dotted contour line marks the region enclosing Jcrit,II = 30. Bottom: Metallicity slices

along the XY, YZ and ZX plane centred around DC0 (empty circle) spanning 50 physical kpc along each axis and averaged over 10 physical kpc over the
remaining axis. Interestingly despite the close proximity of galaxies, the DC candidate exists in a metal free region.

to quantify if such sites could exist in a cosmological simulation
that forms Pop III and Pop II stars self-consistently, accounts for
a self–consistent build up of local and global LW radiation flux,
and includes metal dispersion via SNe and stellar winds. In order
to identify such DC sites, we first identified a sample of pristine,
atomic cooling, non star forming haloes and then selected the ones

that are exposed to the highest levels of LW radiation, as outlined
in Sec. 3.1.

The sample of 6 haloes identified in this study hints towards
the haloes being possible sites of DCBH, however, the formation of
a DCBH would depend on the state of the subsequent gas collapse,
which could be probed by extracting these haloes and simulating
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Figure 5. Top: J local
LW,II slices along the XY, YZ and ZX plane centred around DC0 (black dot) spanning 50 physical kpc along each axis. The neighbouring

galaxies producing the J local
LW,II are marked by a star symbol. The dotted contour line marks the region enclosing Jcrit,II = 30. Bottom: Metallicity slices

along the XY, YZ and ZX plane centred around DC0 (empty circle) spanning 50 physical kpc along each axis and averaged over 10 physical kpc over the
remaining axis. Interestingly despite the close proximity of galaxies, the DC candidate exists in a metal free region.

to quantify if such sites could exist in a cosmological simulation
that forms Pop III and Pop II stars self-consistently, accounts for
a self–consistent build up of local and global LW radiation flux,
and includes metal dispersion via SNe and stellar winds. In order
to identify such DC sites, we first identified a sample of pristine,
atomic cooling, non star forming haloes and then selected the ones

that are exposed to the highest levels of LW radiation, as outlined
in Sec. 3.1.

The sample of 6 haloes identified in this study hints towards
the haloes being possible sites of DCBH, however, the formation of
a DCBH would depend on the state of the subsequent gas collapse,
which could be probed by extracting these haloes and simulating
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Figure 6. Same as in Fig. 5 but for DC2.

-20 -10 0 10 20
X [phy. kpc]

-20

-10

0

10

20

Y 
[p

hy
. k

pc
]

30

30

-20 -10 0 10 20
Y [phy. kpc]

-20

-10

0

10

20

Z 
[p

hy
. k

pc
]

30

-1.00

1.50

4.00

Lo
g 

J L
W

,II

-20 -10 0 10 20
Z [phy. kpc]

-20

-10

0

10

20

X 
[p

hy
. k

pc
]

30

-20 -10 0 10 20
X [phy. kpc]

-20

-10

0

10

20

Y 
[p

hy
. k

pc
]

-20 -10 0 10 20
Y [phy. kpc]

-20

-10

0

10

20

Z 
[p

hy
. k

pc
]

-8.00

-4.50

-1.00

Lo
g 

Z s
un

-20 -10 0 10 20
X [phy. kpc]

-20

-10

0

10

20

Y 
[p

hy
. k

pc
]

Figure 7. Same as in Fig. 5 but for DC3.

them in a zoom hydrodynamical simulation that has a high enough
resolution. The fact that we have a handful of potential DC sites
in our 4 cMpc side-box suggest that DCBHs do not need high-σ
regions to form, and in fact, can even form in stand alone haloes that
happen to be in the vicinity of a few modestly star forming galaxies
that cumulatively produce the critical level of LW radiation (see
DC3, Fig.4). We report that satellite haloes of larger galaxies are
the most likely sites for DCBH formation, i.e. massive seed BHs
form outside the galaxies they eventually end up in (A12, A13).

The critical value of the LW specific intensity that favours the
formation of DCBHs has been derived in the literature by study-
ing haloes in isolation, where an ideal atomic-cooling halo is se-
lected from a cosmological setup and is irradiated with an in-
creasing level of LW flux till a point is reached where H2 cool-

ing becomes insufficient (Bromm & Loeb 2003; Shang et al. 2010;
Wolcott-Green et al. 2011). This is an assumption on the physical
conditions, as the halo under question would be subject to time
varying LW feedback from neighbouring galaxies right since its
birth. Therefore the previous calculations of Jcrit might have been
overestimated. The exposure of the halo to a time–varying LW flux,
ever since its birth, was self-consistently accounted for in the FiBY
simulation analysed in this study. 4 Therefore whether or not the
rest of the haloes (besides the 6 DC candidates) in the sample that

4 However note that the authors used reaction rates based on a black body
spectrum with a temperature of 104 and 105 K representative of a Pop II
and Pop III stellar population respectively.
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Figure 8. The LW specific intensity produced by each of the neighbouring
galaxies at a given distance as seen in the LW contour plots of Fig. 5-7. Each
set of symbols corresponds to a DC candidate, where the symbols represent
a galaxy found in the field. We colour code the galaxies by their stellar mass
that is < 5Myr old (top panel) and the total stellar mass (bottom panel).

are exposed to lower values of JLW could harbour a DCBH is un-
clear, as the only criterion the other haloes do not meet is the expo-
sure to high levels of LW radiation.

The subsequent accretion process and the final mass that these
DCBHs attain would be highly dependent on the mergers that the
DC haloes go through. As mentioned earlier, DC0, DC1, DC4, DC5
form as satellites of a larger galaxies and eventually undergo merg-
ers. Upon formation, the DCBH could engulf a major fraction of the
gas in its host galaxy (see for e.g. Schleicher et al. 2013), thereby
running out of gas for subsequent accretion. Mergers with larger
gas rich galaxies could turn on the accretion process again, aid-
ing these DCBHs to attain supermassive scales (A13). Surprisingly,
DC3 does not form as a satellite of a larger galaxy and the host halo
attains a mass of≈ 107.5 M⊙ by the end of the simulation (z = 6).
Whether this particular candidate evolves into a Milky Way type
galaxy, or ends up in a scenario of quenched DCBH accretion due
to insufficient fuelling is unclear and the subject of an undergoing
study.

Note that DC4 and DC5 end up in the same galaxy at z = 6,

hinting towards the possible event of a DCBH merger in the early
Universe. This sort of event, would be an ideal candidate in ex-
plaining the growth of massive seed BHs to supermassive scales,
where upon undergoing a merger, the seeds could double their mass
and continue to grow by rapid gas accretion. However, mergers are
subject to gravitational recoil and dynamical friction effects, which
could hinder the growth of these DCBHs. In order to find such
an optimised event, one would need to run our simulation with a
much larger box size, a feat unattainable with the current com-
putational limitations. That said, the occurrence of these sites in
our relatively-small simulation volume hints towards the possibil-
ity that most present day galaxies might be harbouring a DCBH at
their centres.

In this study we haven’t touched upon the effects of reioni-
sation on the DCBH formation sites. The candidate haloes cross
the atomic cooling limit at redshifts between 8 and 10, when
the CMB data suggests that reionisation was already under way
(Komatsu et al. 2011; Ade et al. 2013). Moreover, the local sources
that produce the high level of LW radiation at the potential for-
mation sites likely also produce a high level of ionising radiation.
Thus, it is possible that reionisation affects the candidate DCBH
sites. The effect of reionisation on DCBH formation is unclear. Ion-
ising photons could heat the gas in haloes that are unable to shield
from the radiation, preventing the haloes from growing and inhibit-
ing collapse to a DCBH. Also, the additional free electrons allow
for faster H2 formation through the H− channel at low densities,
causing the gas inside the halo to cool more efficiently. Since the
effect of reionisation on DCBH formation depends critically on the
ability of the formation sites to self-shield against the ionising radi-
ation, addressing this issue requires simulations with a higher res-
olution than we employ here. We have therefore decided to address
these issues in a follow-up study (Johnson et al in prep).

The next step is to extract these haloes and simulate them for
their entire formation histories, with the associated LW radiation
(and other properties) as input, in high-resolution zoom simula-
tions. This will shed new light on the role that LW radiation and
an ionising flux, amongst other properties, plays on the process of
DCBH formation.
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clear, as the only criterion the other haloes do not meet is the expo-
sure to high levels of LW radiation.

The subsequent accretion process and the final mass that these
DCBHs attain would be highly dependent on the mergers that the
DC haloes go through. As mentioned earlier, DC0, DC1, DC4, DC5
form as satellites of a larger galaxies and eventually undergo merg-
ers. Upon formation, the DCBH could engulf a major fraction of the
gas in its host galaxy (see for e.g. Schleicher et al. 2013), thereby
running out of gas for subsequent accretion. Mergers with larger
gas rich galaxies could turn on the accretion process again, aid-
ing these DCBHs to attain supermassive scales (A13). Surprisingly,
DC3 does not form as a satellite of a larger galaxy and the host halo
attains a mass of≈ 107.5 M⊙ by the end of the simulation (z = 6).
Whether this particular candidate evolves into a Milky Way type
galaxy, or ends up in a scenario of quenched DCBH accretion due
to insufficient fuelling is unclear and the subject of an undergoing
study.

Note that DC4 and DC5 end up in the same galaxy at z = 6,

hinting towards the possible event of a DCBH merger in the early
Universe. This sort of event, would be an ideal candidate in ex-
plaining the growth of massive seed BHs to supermassive scales,
where upon undergoing a merger, the seeds could double their mass
and continue to grow by rapid gas accretion. However, mergers are
subject to gravitational recoil and dynamical friction effects, which
could hinder the growth of these DCBHs. In order to find such
an optimised event, one would need to run our simulation with a
much larger box size, a feat unattainable with the current com-
putational limitations. That said, the occurrence of these sites in
our relatively-small simulation volume hints towards the possibil-
ity that most present day galaxies might be harbouring a DCBH at
their centres.

In this study we haven’t touched upon the effects of reioni-
sation on the DCBH formation sites. The candidate haloes cross
the atomic cooling limit at redshifts between 8 and 10, when
the CMB data suggests that reionisation was already under way
(Komatsu et al. 2011; Ade et al. 2013). Moreover, the local sources
that produce the high level of LW radiation at the potential for-
mation sites likely also produce a high level of ionising radiation.
Thus, it is possible that reionisation affects the candidate DCBH
sites. The effect of reionisation on DCBH formation is unclear. Ion-
ising photons could heat the gas in haloes that are unable to shield
from the radiation, preventing the haloes from growing and inhibit-
ing collapse to a DCBH. Also, the additional free electrons allow
for faster H2 formation through the H− channel at low densities,
causing the gas inside the halo to cool more efficiently. Since the
effect of reionisation on DCBH formation depends critically on the
ability of the formation sites to self-shield against the ionising radi-
ation, addressing this issue requires simulations with a higher res-
olution than we employ here. We have therefore decided to address
these issues in a follow-up study (Johnson et al in prep).

The next step is to extract these haloes and simulate them for
their entire formation histories, with the associated LW radiation
(and other properties) as input, in high-resolution zoom simula-
tions. This will shed new light on the role that LW radiation and
an ionising flux, amongst other properties, plays on the process of
DCBH formation.
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a three-dimensional luminous mass model of the stars by de-projecting the two-dimensional light model from the HST image. Then, the gravitational potential is
inferred from the combined luminous mass, black hole mass, and dark matter halo. In this potential representative orbits are integrated numerically, while keeping track
of the paths and orbital velocities of each orbit. We then create a reconstruction of the galaxy by assigning each orbit an amount of light, so that the model recreates the
total light distribution, while simultaneously fitting the long-slit stellar kinematics observed with the Hobby-Eberly Telescope (Fig. 3). The models include the effect
of the Earth’s atmosphere and the telescope optics without any a priori assumption on the orbital configuration. See SI. See an animation of the orbits in this galaxy at
http://mpia.de/
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Figure 2 | The correlation of black hole mass and near-infrared bulge lumi-
nosity. The black line shows the black-hole-mass–bulge-luminosity relation8 for
galaxies with a directly measured black hole mass. NGC 1277 is a significant pos-
itive outlier. In addition to the galaxies (black dots) to which the relation has been
fitted8, nine black hole masses9, 17, 20 have been added with 2MASS K-band bulge
luminosities. The error bars denote 1� uncertainties, except for the NGC 1277
bulge luminosity, where we use its total luminosity as a conservative upper limit.

quantitatively similar to the typical red, passive, galaxies at much earlier
times (at redshifts z ⇠ 2): those are also found, on average, to be smaller
than similarly massive galaxies in the present-day universe22, possi-
bly possess high velocity dispersions23, and generally have a disk-like
structure24. Perhaps the compact systems we found are local analogues
of these high-redshift galaxies.
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Figure 2. Predicted redshift evolution ofMBH andM∗ for the four OBGs
in our simulation down to z = 6. We show the tracks for different frac-
tions of the Eddington accretion rate flim = 1.5, 0.75 (fiducial), 0.1. The
parameter zg denotes the redshift when the galaxy becomes an OBG and
first appears on this plot. The shaded portion represents the region where
the BH’s accretion rate would have to be larger than the Eddington limit
for the galaxy to qualify as an OBG. In solid-black lines, we show the local
MBH−Mbulge relation and the 1–σ error in the fit (Häring & Rix 2004).

and size criterion required for the disc to withstand fragmentation
(Lodato & Natarajan 2006, 2007, LN06 and LN07 hereafter). Note
that the Jcrit is always produced by stellar sources external to the
pristine DCBH candidate halo as internal sources would pollute the
gas inside the halo. We assume the collapsing gas in pristine haloes
will settle into a disc whose stability against fragmentation deter-
mines whether it will be able to collapse to a BH or will fragment
into star-forming clumps (LN06, LN07). Assuming that initially the
baryons have the same specific angular momentum as the halo, the
halo must have a spin, λ, lower than a characteristic value, λmax,
for a given Toomre stability parameter Qc, for which the pristine
gaseous disc is exactly marginally stable and above which no ac-
cretion can take place onto the central region (LN06). The critical
spin is given as

λmax =
m2

dQc

8jd

√

Tgas

Tvir
, (1)

wheremd is the disc mass expressed as a fixed fraction (0.05) of the
total baryonic mass in the halo (Mo et al. 1998), jd is the specific
angular momentum of the disc that is also a fixed fraction (0.05)
of the halo’s overall angular momentum (LN06), Tvir is the virial
temperature of the halo and Tgas is the temperature of the gas in
the disc which depends on whether atomic or molecular hydrogen
is the dominant cooling species. In our case, since the halo is ex-
posed to J ! Jcrit, the dominant coolant is atomic hydrogen and
Tgas is set to 8000 K. The second condition comes from the limit
that the disc must be cooler than a characteristic temperature above
which the gravitational torques required to redistribute the angular
momentum become too large and can disrupt the disc. Tmax is used
as a proxy for size of the disc and is defined as

galactic LW radiation required by a pristine atomic cooling halo from Pop
III stars, ∼ 1000 and from Pop II stars ∼ 30 − 100 (Wolcott-Green et al.
2011)

Tmax = Tgas

(

4αc

md

1
1 +MBH/mdM

)2/3

, (2)

where αc is a dimensionless parameter (0.06) relating the critical
viscosity to the gravitational torques in a halo with DM mass, M .
This provides a mass estimate for the assembling DCBH (LN07)

MBH = mdM

⎛

⎝1−

√

8λjd
m2

dQc

(

Tgas

Tvir

)1/2
⎞

⎠ , (3)

for λ < λmax and Tvir < Tmax.
We find that the inclusion of these two criteria for efficient

angular momentum transport and accretion within the disc, in ad-
dition to our existing framework for the treatment of LW radiation
feedback, fundamentally alters the progression of structure forma-
tion in these haloes, and impacts the observable characteristics of
stars and the BHs within them.

We plot the Tvir − λ distribution of pristine atomic cooling
haloes that are exposed to JLW ! Jcrit, for different values of
Qc in Fig. 1. The haloes with spin in the range λ < λmax are
marked in red, with the almost-vertical solid curve representing
λmax, whereas the ones with λ > λmax are plotted in black.The
size constraint in order for the disc to withstand fragmentation
is denoted by the dashed curve. These limits together constrain
DCBH formation to a small allowed domain in the Tvir − λ plane
marked by the yellow region.

Note that LN06, LN07 require the gas disc to be marginally
stable i.e. Qc ∼ O(1). Given that the actual high–redshift disc
parameters are uncertain, we choose values of Qc close to unity
and use Qc = 3 in our fiducial model, which sets an upper limit
on the number of DCBHs with reasonable disc parameters and for
which the disc sizes are not too large. This yields DCBHs (blue
points) with a co-moving number density of 0.03 Mpc−3 in our
fiducial case with Qc = 3, and flim = 0.75 (see the following
section for flim).

2.2 Star Formation

In our model, Pop III stars form in pristine haloes subject to the
following physical prescriptions/effects, discussed in A12 in more
detail.

• Pop III star formation is prohibited due to LW feedback in
pristine haloes with 2000 " Tvir < 104 K even when JLW < Jcrit
(Machacek et al. 2001; O’Shea & Norman 2008). A pristine mini-
halo that is subject to even a small value of LW radiation needs to
be above a characteristic mass to host a Pop III star due to the partial
dissociation (and hence inefficient cooling) of H2 molecules.
• Pop III stars form following a top-heavy Salpeter IMF with

mass limits dependent on halo’s virial temperature, i.e. a single star
with mass cut-offs at [100, 500] M⊙ in haloes with 2000 " Tvir <
104 K and 10 stars with mass cut-offs at [10, 100] M⊙ in haloes
with Tvir ! 104 K.

We consider a halo polluted if it has hosted a star or merged
with a halo hosting a star.We set a mass threshold ofM > 108 M⊙

for polluted haloes to form Pop II stars (Kitayama et al. 2004;
Whalen et al. 2008; Muratov et al. 2012), following the reasoning
that a halo needs to be massive enough to allow for the fall back
or the retention of metals ejected from a previous Pop III star for-
mation episode. In these polluted haloes, baryons are allowed to
co-exist in the form of hot non-star-forming gas, cold star-forming

c⃝ 0000 RAS, MNRAS 000, 1–7

Agarwal et al 2013



Observational signature

924 J. L. Johnson et al.

where MSPH is the mass of an SPH particle; in our case, MSPH =
120 M⊙. Thus, for the cases that we consider, with MBH ! 104 M⊙,
the Bondi radius will always be resolved and we can have confidence
in the accretion rates that we find, at least at the scales we resolve at
which the gas is not rotationally supported, as shown in Fig. 3 (see
Hopkins & Quataert 2010; also Booth & Schaye 2009). However, it
should be noted that at smaller scales some fraction of the gas may
instead go into an accretion disc wind or otherwise be accreted on
longer time-scales than we assume here, such as over the viscous
time-scale of the accretion disc (see e.g. Power, Nayakshin & King
2010). In this sense, the accretion rates that we find, calculated as
described below, are likely to be upper limits.

The accretion rate on to the BH is calculated directly as the Bondi
(1952) accretion rate:

ṀBH ∼ 4π (GMBH)2 ρgas
(
c2

s + v2
BH

) 3
2

, (3)

where the gas sound speed cs and gas density ρgas are taken as the
average of these values over all SPH particles within the smoothing
length of the sink particle which marks the position of the BH;
finally, v2

BH is the square of the velocity of the sink particle with
respect to the SPH particles within its smoothing length.

We track the total accreted mass on to the BH and every time a
mass equal to the mass of an SPH particle (120 M⊙) is accreted,
a random SPH particle lying within a smoothing length of the BH
is accreted, using the same sink particle routine as discussed in the
previous section.

4.2 Radiation emitted from the accretion disc

At every time-step, we compute the spectrum of the radiation emit-
ted from the accretion disc of the BH, as a function of the mass of
the BH and the accretion rate, as follows. The temperature T of the
accretion disc, as a function of distance r from the BH, is given by

T (r) =
(

3
8π

GMBHṀBH

σSBr3

) 1
4

, (4)

where MBH is the mass of the BH, ṀBH the accretion rate and σ SB the
Stefan–Boltzmann constant (Pringle 1981). For simplicity, we have
taken the disc to be a thin disc, such that each annulus radiates as a
blackbody of temperature given by the above equation. Integrating
the flux over the surface of the disc, from rinner to router = 104rinner,
at which distance the contributions to both the photodissociating
and ionizing fluxes are negligible, we find the total emitted flux as
a function of the BH mass and its accretion rate. We take for the
inner-most radius of the disc

rinner ∼ 2km
(

MBH

M⊙

)
, (5)

corresponding to a high value for the BH spin parameter a !
0.9 (e.g. Makishima et al. 2000; Vierdayanti, Watari & Mineshige
2008), which we expect considering that at its formation the BH
accretes stellar material which can have a large angular momentum
(see e.g. Volonteri & Begelman 2010).

Fig. 7 provides several examples of the spectra that we obtain
using this treatment, for different choices of the BH mass and ac-
cretion rate. For a given BH mass, a higher accretion rate results
in a higher bolometric luminosity and also in emission at higher
energies. However, for accretion of gas at a given fraction of the
Eddington rate, the peak of the spectrum is at higher energy for a
less massive BH, owing to the smaller inner radius of the accretion
disc at which the temperature is higher.

Figure 7. Spectra of thermal radiation emitted by a multi-colour BH ac-
cretion disc, for two illustrative BH masses and accretion rates, in units
of the Eddington accretion rate. At every time-step in our simulations the
spectra of the accretion disc is calculated as a function of the mass of the BH
and the accretion rate. From the spectrum are obtained the numbers of H I-
and He II-ionizing photons, the H2 photodissociation rate and photoheating
rates, and the radiation pressure on the surrounding gas due to the Thomson
scattering and photoionization.

Recent observations of the X-ray emission from an accreting BH
with a mass 102 " MBH " 105 M⊙ (Farrell et al. 2009), bracketing
the range of BH masses that we consider in the present study, suggest
that the bulk of the emission at energies "1 keV can be accounted
for by the presence of an accretion disc radiating as a blackbody, as
we assume here, while above this energy a power-law component
is shown to provide an appropriate fit to the observed spectrum.
For simplicity, we do not include a power-law component in the
spectrum emitted from the accreting BH. Including one, however,
would not likely make a significant difference in the strength of the
radiative feedback on the gas within the host halo, as the optical
depth τ (ν) for photons with energy hν is

τ (ν) ∼ σ (ν)%bMhalo/(4πr2
virmH) ∼ 10−2 (hν/1keV)−3 , (6)

where σ (ν) ∼ 4 × 10−20 cm2 (hν/0.1 keV)−3 is the photoioniza-
tion cross-section for neutral primordial gas (e.g. Kuhlen & Madau
2005), %b is the cosmological baryon fraction, Mhalo ∼ 3.5 ×
107 M⊙ is the total mass of the halo, rvir ∼ 600 pc is the virial
radius of the halo and mH is the mass of the hydrogen atom. At
hν ! 1 keV, τ " 10−2; hence, most of these photons would not
interact with the gas in the halo and would contribute little to the
photoionization of the gas. We point out, though, that this does
have implications for our estimate of the escape fraction of ionizing
photons, as discussed in Section 5.4.

4.3 Radiative feedback on the gas

To model the propagation of the high energy radiation emitted
from the accretion disc, we use a modified version of the ray-
tracing routine described in Johnson et al. (2009) and Greif et al.
(2009). We refer the interested reader to those works for a detailed
description of the scheme that we use to treat the propagation of
ionizing radiation by solving, at every time-step, for the H II and H III
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Figure 15. The escape fraction f esc of ionizing photons from the halo
hosting the accreting BH. The escape fraction is always zero for the 104

M⊙ BH case and so, for clarity, is not shown. The escape fraction is higher
for the more massive BHs, in general, although for none of the cases does
the escape fraction exceed ∼0.1. Indeed, the overall fraction of ionizing
radiation escaping to reionize the IGM is very low, the time-averaged escape
fraction being well below that maximum value.

6 A N O B S E RVAT I O NA L SI G NAT U R E O F
B L AC K H O L E AC C R E T I O N

In this section, we investigate a key signature of the observable
radiation emitted from haloes hosting BHs accreting primordial
gas in the early Universe: the strength of the emission in several
prominent recombination lines.

6.1 Recombination line luminosities

The luminosity emitted in a given recombination line is given by
(e.g. Schaerer 2002; Osterbrock & Ferland 2006)

L = α(1 − fesc)Q, (12)

where α is the energy emitted in the line for each recombination, Q is
the number of photons emitted per unit time that ionize the chemical
species which produces the emission and f esc is the fraction of these
photons that escape the halo. For our case, we use either QH II or
QHe III, shown in Fig. 13. Also, we do not differentiate between the
escape fraction of H I- and He II-ionizing photons, as we find that the
H II and the He III regions surrounding the BH are almost completely
overlapping, due to the high ratio of QHe III to QH II; in any case, the
escape fraction is so low as to not be critical for our estimate of the
recombination line luminosities.

The luminosities that we find, using the values for α given in
Schaerer (2002), for Lyα, Hα and He II λ1640 are shown in Fig. 16.
Due to the low values of f esc, the luminosities we find here mirror al-
most exactly the ionizing photon production rates shown in Fig. 13;
in turn, variations in the luminosities also closely track those in the
BH accretion rate.

The luminosities in He II λ1640 relative to those in Hα or Lyα, for
all three cases, are extremely high. The ratios of the observable flux
in He II λ1640 to that in Hα, to which the IGM is optically thin even
before reionization is complete, are shown in Fig. 17. In all cases,
this flux ratio exceeds ∼2, substantially higher than that expected
even for very massive Pop III stars (i.e. !100 M⊙; see e.g. Johnson
et al. 2009). This suggests that a distinct observable signature of
BHs accreting primordial gas in the early Universe could be such
extremely high flux ratios, ultimately due to the very hard spectra
emitted from the BH accretion disc.

Figure 16. Luminosity emitted from the ionized gas surrounding the ac-
creting BHs in three prominent recombination lines which may be observed:
He II λ1640 (top panel), Hα (middle panel) and Lyα (bottom panel). In part
owing to the low escape fraction of ionizing photons, these luminosities are
roughly proportional to the accretion rate (see Fig. 12). Accordingly, note
that while the luminosity is initially higher for a more massive BH, this is
not always true, the luminosities in all cases generally decreasing in time,
but at differing rates.

6.2 Prospects for detection

To evaluate the prospects for detecting this observational signature
of BH accretion in the early Universe using the JWST , we estimate
the total flux in the He II λ1640 line as

F1640 = L1640

4πD2
L

∼ 10−20 erg s−1 cm−2

(
L1640

1040 erg s−1

) (
1 + z

10

)−2

(13)

where L1640 is the luminosity emitted in the line and DL(z) is the
luminosity distance to redshift z.

The flux limit for 3σ detection of the He II λ1640 line emitted from
a source at z ∼ 10, with 100 h of observation by the Near-Infrared
Spectrograph (NIRSpec) that will be aboard the JWST ,4 is of the
order of 10−19 erg s−1 cm−2. Therefore, at the peak luminosities
in this line, shown in Fig. 16, emission due to both the 2.5 ×
104 and the 5 × 104 M⊙ BHs would be marginally detectable at
z " 10. Given a small optical depth to Lyα through the IGM, or
to sufficiently high velocity of the emitted gas relative to the IGM

4 http://www.stsci.edu/jwst/science/sensitivity/
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Figure 15. The escape fraction f esc of ionizing photons from the halo
hosting the accreting BH. The escape fraction is always zero for the 104

M⊙ BH case and so, for clarity, is not shown. The escape fraction is higher
for the more massive BHs, in general, although for none of the cases does
the escape fraction exceed ∼0.1. Indeed, the overall fraction of ionizing
radiation escaping to reionize the IGM is very low, the time-averaged escape
fraction being well below that maximum value.

6 A N O B S E RVAT I O NA L SI G NAT U R E O F
B L AC K H O L E AC C R E T I O N

In this section, we investigate a key signature of the observable
radiation emitted from haloes hosting BHs accreting primordial
gas in the early Universe: the strength of the emission in several
prominent recombination lines.

6.1 Recombination line luminosities

The luminosity emitted in a given recombination line is given by
(e.g. Schaerer 2002; Osterbrock & Ferland 2006)

L = α(1 − fesc)Q, (12)

where α is the energy emitted in the line for each recombination, Q is
the number of photons emitted per unit time that ionize the chemical
species which produces the emission and f esc is the fraction of these
photons that escape the halo. For our case, we use either QH II or
QHe III, shown in Fig. 13. Also, we do not differentiate between the
escape fraction of H I- and He II-ionizing photons, as we find that the
H II and the He III regions surrounding the BH are almost completely
overlapping, due to the high ratio of QHe III to QH II; in any case, the
escape fraction is so low as to not be critical for our estimate of the
recombination line luminosities.

The luminosities that we find, using the values for α given in
Schaerer (2002), for Lyα, Hα and He II λ1640 are shown in Fig. 16.
Due to the low values of f esc, the luminosities we find here mirror al-
most exactly the ionizing photon production rates shown in Fig. 13;
in turn, variations in the luminosities also closely track those in the
BH accretion rate.

The luminosities in He II λ1640 relative to those in Hα or Lyα, for
all three cases, are extremely high. The ratios of the observable flux
in He II λ1640 to that in Hα, to which the IGM is optically thin even
before reionization is complete, are shown in Fig. 17. In all cases,
this flux ratio exceeds ∼2, substantially higher than that expected
even for very massive Pop III stars (i.e. !100 M⊙; see e.g. Johnson
et al. 2009). This suggests that a distinct observable signature of
BHs accreting primordial gas in the early Universe could be such
extremely high flux ratios, ultimately due to the very hard spectra
emitted from the BH accretion disc.

Figure 16. Luminosity emitted from the ionized gas surrounding the ac-
creting BHs in three prominent recombination lines which may be observed:
He II λ1640 (top panel), Hα (middle panel) and Lyα (bottom panel). In part
owing to the low escape fraction of ionizing photons, these luminosities are
roughly proportional to the accretion rate (see Fig. 12). Accordingly, note
that while the luminosity is initially higher for a more massive BH, this is
not always true, the luminosities in all cases generally decreasing in time,
but at differing rates.

6.2 Prospects for detection

To evaluate the prospects for detecting this observational signature
of BH accretion in the early Universe using the JWST , we estimate
the total flux in the He II λ1640 line as

F1640 = L1640

4πD2
L

∼ 10−20 erg s−1 cm−2

(
L1640

1040 erg s−1

) (
1 + z

10

)−2

(13)

where L1640 is the luminosity emitted in the line and DL(z) is the
luminosity distance to redshift z.

The flux limit for 3σ detection of the He II λ1640 line emitted from
a source at z ∼ 10, with 100 h of observation by the Near-Infrared
Spectrograph (NIRSpec) that will be aboard the JWST ,4 is of the
order of 10−19 erg s−1 cm−2. Therefore, at the peak luminosities
in this line, shown in Fig. 16, emission due to both the 2.5 ×
104 and the 5 × 104 M⊙ BHs would be marginally detectable at
z " 10. Given a small optical depth to Lyα through the IGM, or
to sufficiently high velocity of the emitted gas relative to the IGM

4 http://www.stsci.edu/jwst/science/sensitivity/
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Figure 17. The ratio of the total flux in He II λ1640 to that in Hα, as a
function of time since the formation of the BH, for each of the BH masses in
our study. Even for very massive Pop III stars, this ratio is ≤2 (Johnson et al.
2009); therefore, one distinctive observational signature of accretion on to
BHs formed by direct collapse is a high ratio of these fluxes, although this
ratio varies in time for a given initial BH mass. Interestingly, it is higher for
the cases of the less massive BHs, owing to the harder spectrum of radiation
emitted from their accretion discs, for a given accretion rate (see Fig. 7).

(see Dijkstra & Wyithe 2010), the Lyα emission due to these BHs
could also be detectable at the same redshift. However, due to lower
instrument sensitivity at the relevant wavelengths and to its lower
luminosity, the flux in the Hα line would be too low for detection.

We note, however, that the accretion rates needed for these re-
combination lines to be bright enough for detection may be only
short-lived, and the average accretion rates that we find are much
lower than those required. That said, we have only tracked the ac-
cretion of gas for 3 Myr after the formation of the BHs; at later
times, with the growth of the host halo by continuous accretion and
mergers, the BHs could accrete gas at high rates again. Also, as
we have shown here, the luminosity of the radiation emitted due to
the accretion process is sensitive to the mass of the BH, such that
the emission due to more massive BHs than considered here will
likely be more easily detected.

Another important question with regard to detecting BHs formed
by direct collapse is the cosmological environment in which they
are most likely to form. Given the high LW background flux needed
for the formation of such BHs, Dijkstra et al. (2008) argue that
the host haloes of these BHs may lie within ∼10 physical kpc of
another halo with mass ∼109 M⊙. Thus, it may be the case that they
are found very close to other, more luminous star-forming galaxies.
However, this distance and neighbouring halo mass are sensitive
to the level of the LW background that is required, and this could
be significantly lower than the JLW = 103 value used both in the
present work and in the fiducial model of Dijkstra et al. (see Shang
et al. 2010), in which case they may form further from ∼109 M⊙
haloes or near less massive neighbouring haloes.

7 IM P L I C AT I O N S F O R G A L A X Y A N D B L AC K
H O L E C O E VO L U T I O N

Numerous observations of high-redshift galaxies suggest that the
central BHs they host are more massive than would be expected from
the observed BH–host galaxy relations at lower redshift (e.g. Walter
et al. 2004; McLure et al. 2006; Peng et al. 2006; Bennert et al.
2010; Merloni et al. 2010; Greene, Peng & Ludwig 2010; Decarli
et al. 2010). It is interesting to note that the expected mass range
of BHs (i.e. 104–105 M⊙) formed by direct collapse in atomic-
cooling haloes is at least qualitatively in line with this trend. For

instance, Ferrarese (2002) suggests a relation between the host halo
mass and BH mass of MBH/Mhalo ! 10−5 for Mhalo ! 1012 M⊙,
whereas the ratio we have in the present work is two orders higher
than this at the time of BH formation. Furthermore, from their
simulations of BH growth, Booth & Schaye (2010) find that MBH

∼ 108 M⊙ (Mhalo/1013 M⊙)1.55; hence, the "104 M⊙ BHs that we
consider forming in !108 M⊙ haloes would lie roughly four orders
of magnitude above the relation that these authors find.

While we track the growth of these BHs for only 3 Myr in the
present work, we can extrapolate our findings to roughly estimate
how the BH to host halo mass ratio may evolve at later times. We find
in our simulation that the host DM halo grows at a rate of∼0.5 M⊙
yr−1 during the time that the BHs are accreting; using an average BH
accretion rate from Fig. 12, ∼10−5 M⊙ yr−1, along with this rate,
we find that the ratio MBH/Mhalo may drop to ∼10−4 over ∼109 yr,
still well above the relations suggested by both Ferrarese (2002) and
Booth & Schaye (2010). However, with continued merging of the
host halo with other haloes hosting BHs, such overly massive BHs
could still eventually end up on the present-day-observed scaling
relations (Hirschmann et al. 2010; see also Volonteri & Natarajan
2009).

Due to the strong radiative feedback from the BHs, we find that
star formation is not likely to take place in the central dense regions
of the host halo, unless the BH accretion rate drops even further
than we find in our simulations or the host halo is able to grow
massive enough that some gas can become shielded from the pho-
todissociating radiation emitted from the accretion disc (see also
Oh & Haiman 2002). If star formation does occur, the accretion
rate may be boosted by the transfer of angular momentum outward
due to supernova explosions, thereby driving more gas to the centre
of the halo (see Chen et al. 2009; Kumar & Johnson 2010). If star
formation does not occur, then BHs formed by direct collapse may
remain unaccompanied by stars in their host halo, at least until the
host halo merges with another halo in which stars may have already
formed. Indeed, it may be that the host halo ultimately merges with
the halo or haloes in which reside the sources of radiation that are
responsible for the high background LW radiation field that led to
the formation of the BH to begin with (see e.g. Dijkstra et al. 2008).

8 SU M M A RY A N D D I S C U S S I O N

We have presented cosmological simulations of the formation and
growth of BHs formed by direct collapse in an atomic-cooling halo
at z ∼ 15. In these simulations, the accretion of gas and the detailed
interaction of the gas with the high energy radiation emitted in the
accretion process were modelled self-consistently, allowing us to
arrive at a number of novel conclusions, which are summarized
below.

During the growth of the host halo prior to the formation of
the BH by direct collapse, we find little evidence for supersonic
’cold flows’ into the centre of the halo, due to the inability of the
gas to cool under the influence of the elevated photodissociating
background radiation field, which is a likely prerequisite for this
scenario of BH formation. None the less, in the absence of radiative
feedback, we find an upper limit to the rate at which the warm
("103 K) gas accretes on to a central SMS of the order of 0.1 M⊙
yr−1, high enough for it to grow to a mass of "105 M⊙ before it
collapses to form a BH.

With the formation of the BH and a hot accretion disc, photo-
heating of the gas in the host halo, as well as the radiative pressure
to which it is subjected, leads to its expansion, which in turn leads
to accretion rates which generally fall with time. While in all three
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Figure 15. The escape fraction f esc of ionizing photons from the halo
hosting the accreting BH. The escape fraction is always zero for the 104

M⊙ BH case and so, for clarity, is not shown. The escape fraction is higher
for the more massive BHs, in general, although for none of the cases does
the escape fraction exceed ∼0.1. Indeed, the overall fraction of ionizing
radiation escaping to reionize the IGM is very low, the time-averaged escape
fraction being well below that maximum value.

6 A N O B S E RVAT I O NA L SI G NAT U R E O F
B L AC K H O L E AC C R E T I O N

In this section, we investigate a key signature of the observable
radiation emitted from haloes hosting BHs accreting primordial
gas in the early Universe: the strength of the emission in several
prominent recombination lines.

6.1 Recombination line luminosities

The luminosity emitted in a given recombination line is given by
(e.g. Schaerer 2002; Osterbrock & Ferland 2006)

L = α(1 − fesc)Q, (12)

where α is the energy emitted in the line for each recombination, Q is
the number of photons emitted per unit time that ionize the chemical
species which produces the emission and f esc is the fraction of these
photons that escape the halo. For our case, we use either QH II or
QHe III, shown in Fig. 13. Also, we do not differentiate between the
escape fraction of H I- and He II-ionizing photons, as we find that the
H II and the He III regions surrounding the BH are almost completely
overlapping, due to the high ratio of QHe III to QH II; in any case, the
escape fraction is so low as to not be critical for our estimate of the
recombination line luminosities.

The luminosities that we find, using the values for α given in
Schaerer (2002), for Lyα, Hα and He II λ1640 are shown in Fig. 16.
Due to the low values of f esc, the luminosities we find here mirror al-
most exactly the ionizing photon production rates shown in Fig. 13;
in turn, variations in the luminosities also closely track those in the
BH accretion rate.

The luminosities in He II λ1640 relative to those in Hα or Lyα, for
all three cases, are extremely high. The ratios of the observable flux
in He II λ1640 to that in Hα, to which the IGM is optically thin even
before reionization is complete, are shown in Fig. 17. In all cases,
this flux ratio exceeds ∼2, substantially higher than that expected
even for very massive Pop III stars (i.e. !100 M⊙; see e.g. Johnson
et al. 2009). This suggests that a distinct observable signature of
BHs accreting primordial gas in the early Universe could be such
extremely high flux ratios, ultimately due to the very hard spectra
emitted from the BH accretion disc.

Figure 16. Luminosity emitted from the ionized gas surrounding the ac-
creting BHs in three prominent recombination lines which may be observed:
He II λ1640 (top panel), Hα (middle panel) and Lyα (bottom panel). In part
owing to the low escape fraction of ionizing photons, these luminosities are
roughly proportional to the accretion rate (see Fig. 12). Accordingly, note
that while the luminosity is initially higher for a more massive BH, this is
not always true, the luminosities in all cases generally decreasing in time,
but at differing rates.

6.2 Prospects for detection

To evaluate the prospects for detecting this observational signature
of BH accretion in the early Universe using the JWST , we estimate
the total flux in the He II λ1640 line as

F1640 = L1640

4πD2
L

∼ 10−20 erg s−1 cm−2

(
L1640

1040 erg s−1

) (
1 + z

10

)−2

(13)

where L1640 is the luminosity emitted in the line and DL(z) is the
luminosity distance to redshift z.

The flux limit for 3σ detection of the He II λ1640 line emitted from
a source at z ∼ 10, with 100 h of observation by the Near-Infrared
Spectrograph (NIRSpec) that will be aboard the JWST ,4 is of the
order of 10−19 erg s−1 cm−2. Therefore, at the peak luminosities
in this line, shown in Fig. 16, emission due to both the 2.5 ×
104 and the 5 × 104 M⊙ BHs would be marginally detectable at
z " 10. Given a small optical depth to Lyα through the IGM, or
to sufficiently high velocity of the emitted gas relative to the IGM

4 http://www.stsci.edu/jwst/science/sensitivity/
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Figure 1. Evolution of CR7 (not to scale). The two panels, at z = 6.6

(left) and 20 (right), show the evolution of the virial radius of CR7’s host
halo, which has a mass of ∼ 1012 M⊙ at z = 6.6. The stellar radiation
required for DCBH formation in source A is produced by source B at z ∼

20. Source A, powered by accretion onto a DCBH, later merges with the
larger halo hosting source B.

at a density of n = 104 cm−3, corresponds to a Jeans mass of
∼ 100 M⊙, i.e. the characteristic mass for fragmentation. Thus the
first metal free stars, Pop III as they are known, are expected to form
withM∗ ∼ 100M⊙ (Bromm et al. 1999; Yoshida et al. 2006). The
formation of a direct collapse black hole (DCBH) requires pristine
gas in an atomic cooling halo predominantly composed of atomic
hydrogen (Volonteri 2010; Natarajan 2011; Haiman 2012, and see
references therein) instead of molecular hydrogen. Thus once the
collapse begins, the primary cooling agent is atomic H, which al-
lows the gas to cool isothermally down to a temperature floor of
8000 K. At a density of n = 104 cm−3, this corresponds to a Jeans
mass of ∼ 105 M⊙, which can then undergo a runaway collapse
into a massive DCBH of 104−105 M⊙ (Lodato & Natarajan 2007).
We now describe the requirements for this scenario in more detail.

2.1 Lyman-Werner radiation

In order to prevent Pop III star formation in a pristine halo, cool-
ing by molecular H needs to be suppressed and this occurs via the
reaction H2 + γLW → H + H, where γLW is a photon in the
Lyman–Werner band of 11.2 -13.6 eV. A critical level of LW ra-
diation has been quoted as the requirement to rid the gas of H2

and produce a high enough H fraction in the gas, thus rendering
H2 cooling subcritical at the onset of collapse. This value of criti-
cal LW radiation is often quoted as a specific intensity in units of
10−21 erg/s/cm2/Hz/sr and has been studied extensively in liter-
ature for black–body and power–law type spectra. The assumption
made in these studies is that Pop II stars can be represented by a
T = 104 K black–body spectrum, and Pop III stars by a T = 105 K
black–body spectrum, which leads to a Jcrit ∼ 30 − 100 from
Pop II, and Jcrit ∼ 103−4 from a Pop III type stellar population
(Omukai 2001; Shang et al. 2010; Wolcott-Green et al. 2011).

Much progress has been made recently with regards to the
determination of Jcrit. For instance, implementing a more self-
consistent and updated chemical framework relevant to the collapse
of pristine gas, can lead to a factor of ∼ few difference in the de-
termination of Jcrit (Glover 2015a,b). Also, using realistic spectral
energy distributions (SED) to model the Pop III/PopII stellar popu-
lations can lead to a significant difference in the qualitative interpre-
tation of Jcrit (Sugimura et al. 2014, 2015; Agarwal & Khochfar

2015; Agarwal et al. 2015, A15a and A15b hereafter). In their
study, A15b have shown that, depending on the detailed proper-
ties of the stellar population, the value of Jcrit can vary over even
up to 2 orders of magnitude. This is due to the fact that the reac-
tion rates for the dissociation of H− and H2, kde and kdi, govern
the fate of collapsing gas. These rates depend on the shape of the
SED (A15a) and the net output of photons in the ∼ 1eV and LW
band respectively. Thus in order to understand if molecular cooling
is suppressed in a pristine halo, one must analyse the SED used to
model the stellar population(s) and compute the kde–kdi values to
check for DCBH formation (A15a, A15b).

2.2 Fragmentation and formation of the seed

Once cooling by molecular hydrogen is suppressed and the Jeans
mass has been reached, the gas cloud must withstand fragmenta-
tion into stars and lose its angular momentum in order to form
a dense core that will ultimately result in the formation of a
DCBH. Several authors have studied this in idealised hydrody-
namical simulations of isolated haloes, where the gas is allowed to
cool and collapse to very high densities (n ∼ 1017−18 cm−3) via
the atomic cooling channel (e.g. Latif et al. 2013; Schleicher et al.
2013; Shlosman et al. 2015). Both turbulence and disc formation
have been reported as excellent agents that can rid the gas of its
angular momentum resulting in formation of a dense core fed by
inflows with accretion rates ∼ few M⊙/yr (Johnson et al. 2011;
Choi et al. 2014). The core can then either form a supermassive star
∼ 105 M⊙ (Hosokawa et al. 2013; Schleicher et al. 2013), which
undergo collapse before becoming thermally relaxed and fully con-
vective, resulting in a 104−5 M⊙ DCBH, or a quasi–star where a
dense core is embedded in a optically thick cloud of gas, where
radiative losses are inefficient, thus the accretion process becomes
super–Eddington for the system overall resulting in a DCBH (e.g.
Begelman et al. 2008; Spaans & Silk 2006).

2.3 Halo Growth history

The gas in the halo that hosts the DCBH must be free of metals,
which implies no previous in–situ star formation, as well as no
pollution from nearby galaxies through stellar winds and/or super-
novae. Prior in–situ star formation can be prevented in a halo by a
moderate external LW specific intensity, JLW , if virial temperatures
range between 2000 < Tvir < 104 K (minihalo). The necessary
conditions for a halo to host a DCBH are listed below.

(i) While its virial temperature is 2000 ! Tvir < 104 K, the
halo must be in close proximity, i.e.< 20 kpc (Agarwal et al. 2012,
2014, A15b), of a galaxy (or galaxies) producing a large enough
LW flux to shut down Pop III star formation in it, but at the same
time must not pollute it with metals.
(ii) When the halo has grown and Tvir = 104 K, while still

metal–free, it must be exposed to a large enough LW flux for H2

formation to be surpressed, resulting in DCBH formation.

Having outlined the conditions under which a DCBH can form
in the early universe, we now examine whether or not CR7 is a
viable host for such a massive seed BH.

3 THE CR7 SYSTEM

CR7 is an excellent candidate for a Pop III cluster due to the ab-
sence of metal lines and the redshift at which it has been observed.
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However this explanation has been questioned by P15 on the basis
of their simulations where they do not find any Pop III clusters that
have the right Lyα/HeII line luminosities, unless there is a burst of
107 M⊙ of young Pop III stars with ages > 5 Myr. Also the pos-
sibility that CR7 could be harbouring an AGN or Wolf–Rayet stars
has been shown to be inconsistent with the much broader full width
half maxima (FWHM) expected for such systems (S15). Here we
argue that in the system CR7, source A is an excellent candidate
for a DCBH, while sources B & C are the evolved stellar systems
that have enabled the formation of a DCBH in it through their LW
radiation field.

3.1 Description of the system

The spectro–photometric observations of CR7 reveal that it is com-
posed of 3 distinct components, A,B & C, seperated by projected
distances of ≈ 5 kpc (M15, S15). It is the brightest Lyα emit-
ter at z > 6 to date with LLyα ∼ 1043.93erg/s and LHeII ∼

1043.26erg/s, with no metal lines detected. The photometric obser-
vations from theWide Field Camera 3 (F110W: YJ filter; F160W:H
filter) suggest that A is extremely blue, while B & C are redder
in comparison. The FWHM for Lyα ∼ 266 km/s and HeII ∼
130 km/s, with corresponding equivalent widths (EW) of ∼ 80 Å
and ∼ 230 Å.

We re–reduced and re–analyzed the Spitzer/IRAC imag-
ing data over CR7. In particular, we use our photometry tool
MOPHONGO (e.g. Labbe et al. 2010a,b, 2013) to derive accurate
IRAC fluxes for the three different components of CR7. We model
these components based on the WFC3/IR images and derive their
IRAC fluxes by degrading the HST images to the IRAC PSF and
fitting deriving the appropriate flux normalization for each (e.g.
Labbe et al. 2015). Doing this we find that ∼ 70% of the 3.6µm
and 4.5µm flux emanates from A, with sources B & C contributing
only 30 %, which is in contrast to the findings of S15. As we will
see in the following sections, this is critical to disentangle the SED
modelling of components A, and B & C.

3.2 SED Fitting: B & C

In their study, S15 fit the CR7 spectro–photometric data with a Pop
II stellar population with Z = 0.2 Z⊙ and age of ∼ 800 Myr.
Using their best fit model as a prior, we proceed to fit the spectro–
photometric data of sources B & C as two distinct stellar compo-
nents. Our best fit shown in Fig. 2 (red curve) is obtained when:

• B is fit with a 700 Myr old stellar population, with an expo-
nentially decreasing 1 SFR from z ≈ 23−6.6, such that at z = 6.6
it has a SFR of ∼ 2 M⊙/yr andM∗ = 2× 1010 M⊙

• C is fit with a 300 Myr old stellar population, with an expo-
nentially decreasing SFR starting at z ≈ 9−6, such that at z = 6.6
it has a SFR of ∼ 1 M⊙/yr andM∗ = 7× 108 M⊙

We use our own SED modeling without any dust attenuation,
based on the Yggdrasil code (Zackrisson et al. 2011) assuming a
stellar metallicity of 0.04 Z⊙, and accounting for nebular emission
with the same metallicity. Despite the known degeneracies in SED
modelling, we were unable to fit sources B & C with a single stel-
lar population, and/or assuming exponentially increasing SFR. Our
model suggests that bulk of the star formation in B & C occurred at

1 we use here an e–folding time of 200 Myr

Figure 2. Here we compare our SEDs to the observations, assuming the
source stellar populations described in Section 3.3 and the BH accretion
disk spectrum described in Section 3.8. The solid circles represent the ob-
served flux for source A, whereas the star symbols are the observations for
B & C. We fit source A (blue) with a multi–colour accretion disk spectrum
of a BH (along with its nebular component), whereas sources B & C is fit
(red) with an evolved stellar population that is∼ 700Myr old with a metal-
licity of 0.04 Z⊙ (see text for more details). We also plot in yellow squares,
the resulting broadband fluxes in the corresponding band from our best fit
model for component A.

z >> 6.6, proving to be viable sources of LW radiation for direct
collapse in source A.

3.3 Lyman-Werner history

Having obtained the SEDs and the star formation history for the
stellar systems B & C, we then compute it’s LW history all the
way back to the first instance when B & C were forming stars.
Following the analysis of A15a and A15b, we compute the photo–
dissociation (kdi) and photo–detachment (kde) rates within a 5 kpc
sphere around B & C at each redshift and find that at 7 < z < 23,
the stellar system B & C is able to produce the right set of kde−kdi
values that can lead to DCBH formation in a pristine atomic cool-
ing halo within the 5 kpc sphere. Even if we relax the constraint on
the separation and assume a larger sphere to account for their dy-
namical evolution, we find that B & C can still produce conditions
(kde − kdi) suitable for DCBH formation out to a distance of 10
kpc (20 kpc) during 8 < z < 23 (19 < z < 23). We show the re-
sults of this calculation in Fig. 3, where the solid curve divides the
kde − kdi parameter space into regions where DC is permissible
or not, and the dotted, dashed, dashed–dotted lines correspond to a
distance of 5, 10 and 20 kpc from the stellar sources.

3.4 Metal pollution

In order to allow DCBH formation in A, sources B & C must not
pollute its site with metals. No metal lines are detected in com-
ponent A (S15), suggesting that metal pollution has not occurred.
Despite this, taking a conservative approach, we estimate the range
in redshift when A could have been first polluted by sources B & C
and find that with a typical wind speed of 100 km/s, it would take
the metals 50 Myr to reach A at a separation of 5 kpc. Of course
a larger separation would only go in the direction of increasing the
time it takes for the metals to reach A. Therefore we assume as
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However this explanation has been questioned by P15 on the basis
of their simulations where they do not find any Pop III clusters that
have the right Lyα/HeII line luminosities, unless there is a burst of
107 M⊙ of young Pop III stars with ages > 5 Myr. Also the pos-
sibility that CR7 could be harbouring an AGN or Wolf–Rayet stars
has been shown to be inconsistent with the much broader full width
half maxima (FWHM) expected for such systems (S15). Here we
argue that in the system CR7, source A is an excellent candidate
for a DCBH, while sources B & C are the evolved stellar systems
that have enabled the formation of a DCBH in it through their LW
radiation field.

3.1 Description of the system

The spectro–photometric observations of CR7 reveal that it is com-
posed of 3 distinct components, A,B & C, seperated by projected
distances of ≈ 5 kpc (M15, S15). It is the brightest Lyα emit-
ter at z > 6 to date with LLyα ∼ 1043.93erg/s and LHeII ∼

1043.26erg/s, with no metal lines detected. The photometric obser-
vations from theWide Field Camera 3 (F110W: YJ filter; F160W:H
filter) suggest that A is extremely blue, while B & C are redder
in comparison. The FWHM for Lyα ∼ 266 km/s and HeII ∼
130 km/s, with corresponding equivalent widths (EW) of ∼ 80 Å
and ∼ 230 Å.

We re–reduced and re–analyzed the Spitzer/IRAC imag-
ing data over CR7. In particular, we use our photometry tool
MOPHONGO (e.g. Labbe et al. 2010a,b, 2013) to derive accurate
IRAC fluxes for the three different components of CR7. We model
these components based on the WFC3/IR images and derive their
IRAC fluxes by degrading the HST images to the IRAC PSF and
fitting deriving the appropriate flux normalization for each (e.g.
Labbe et al. 2015). Doing this we find that ∼ 70% of the 3.6µm
and 4.5µm flux emanates from A, with sources B & C contributing
only 30 %, which is in contrast to the findings of S15. As we will
see in the following sections, this is critical to disentangle the SED
modelling of components A, and B & C.

3.2 SED Fitting: B & C

In their study, S15 fit the CR7 spectro–photometric data with a Pop
II stellar population with Z = 0.2 Z⊙ and age of ∼ 800 Myr.
Using their best fit model as a prior, we proceed to fit the spectro–
photometric data of sources B & C as two distinct stellar compo-
nents. Our best fit shown in Fig. 2 (red curve) is obtained when:

• B is fit with a 700 Myr old stellar population, with an expo-
nentially decreasing 1 SFR from z ≈ 23−6.6, such that at z = 6.6
it has a SFR of ∼ 2 M⊙/yr andM∗ = 2× 1010 M⊙

• C is fit with a 300 Myr old stellar population, with an expo-
nentially decreasing SFR starting at z ≈ 9−6, such that at z = 6.6
it has a SFR of ∼ 1 M⊙/yr andM∗ = 7× 108 M⊙

We use our own SED modeling without any dust attenuation,
based on the Yggdrasil code (Zackrisson et al. 2011) assuming a
stellar metallicity of 0.04 Z⊙, and accounting for nebular emission
with the same metallicity. Despite the known degeneracies in SED
modelling, we were unable to fit sources B & C with a single stel-
lar population, and/or assuming exponentially increasing SFR. Our
model suggests that bulk of the star formation in B & C occurred at

1 we use here an e–folding time of 200 Myr

Figure 2. Here we compare our SEDs to the observations, assuming the
source stellar populations described in Section 3.3 and the BH accretion
disk spectrum described in Section 3.8. The solid circles represent the ob-
served flux for source A, whereas the star symbols are the observations for
B & C. We fit source A (blue) with a multi–colour accretion disk spectrum
of a BH (along with its nebular component), whereas sources B & C is fit
(red) with an evolved stellar population that is∼ 700Myr old with a metal-
licity of 0.04 Z⊙ (see text for more details). We also plot in yellow squares,
the resulting broadband fluxes in the corresponding band from our best fit
model for component A.

z >> 6.6, proving to be viable sources of LW radiation for direct
collapse in source A.

3.3 Lyman-Werner history

Having obtained the SEDs and the star formation history for the
stellar systems B & C, we then compute it’s LW history all the
way back to the first instance when B & C were forming stars.
Following the analysis of A15a and A15b, we compute the photo–
dissociation (kdi) and photo–detachment (kde) rates within a 5 kpc
sphere around B & C at each redshift and find that at 7 < z < 23,
the stellar system B & C is able to produce the right set of kde−kdi
values that can lead to DCBH formation in a pristine atomic cool-
ing halo within the 5 kpc sphere. Even if we relax the constraint on
the separation and assume a larger sphere to account for their dy-
namical evolution, we find that B & C can still produce conditions
(kde − kdi) suitable for DCBH formation out to a distance of 10
kpc (20 kpc) during 8 < z < 23 (19 < z < 23). We show the re-
sults of this calculation in Fig. 3, where the solid curve divides the
kde − kdi parameter space into regions where DC is permissible
or not, and the dotted, dashed, dashed–dotted lines correspond to a
distance of 5, 10 and 20 kpc from the stellar sources.

3.4 Metal pollution

In order to allow DCBH formation in A, sources B & C must not
pollute its site with metals. No metal lines are detected in com-
ponent A (S15), suggesting that metal pollution has not occurred.
Despite this, taking a conservative approach, we estimate the range
in redshift when A could have been first polluted by sources B & C
and find that with a typical wind speed of 100 km/s, it would take
the metals 50 Myr to reach A at a separation of 5 kpc. Of course
a larger separation would only go in the direction of increasing the
time it takes for the metals to reach A. Therefore we assume as
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3.6 Separation between the components

We note here that we computed the LW conditions from B & C,
assuming that the separation between the stellar system and A re-
mains constant in time. This is clearly an oversimplification. In
reality, prior to being accreted into the host halo of B, the physi-
cal distance between the halos hosting A and B first increases due
to the Hubble expansion, followed by a decrease as A is starting
to fall towards B. After accretion, the subhalo that hosts A will
orbit B. A 1012 M⊙ DM halo at z = 6.6 has a virial radius of
rvir ≃ 45 kpc (physical). According to the spherical collapse as-
sumption, the matter that has collapsed to form this halo (and its
substructure), originated from a Lagrangian volume with a radius
that is twice that of the virial radius. This Lagrangian volume has a
physical radius of ∼ 30 kpc at z = 20, which is approximately the
redshift at which we postulate that the DCBH formed. If we assume
a roughly constant density within that volume, there is roughly a 30
percent probability that a mass element within that volume is lo-
cated within 20 kpc from the center where source B is postulated to
reside. For comparison, according to the mass accretion histories,
the typical main progenitor of a host of mass 1012 M⊙ at z = 6.6
has a mass of ∼ 109 M⊙ at z = 20, which corresponds to a virial
radius of only ∼ 1.5 kpc (physical). According to this (very rough)
calculation, there is a∼1 in 3 chance that the subhalo hosting Awas
located within about 20 kpc from B at the crucial redshift interval
19− 23.

Based on these estimates, the probability that a host halo of
mass 1012 M⊙ at z = 6.6, whose central galaxy has the same
LW history as source B, hosts at least one subhalo that could have
formed a BH mass similar to that of source A is given by

P = 1−
∞
∑

i=0

P (N)

(

2
3

)N

(1)

where P (N) is the probability that the host halo contains N sub-
haloes that meet the three criteria listed in the previous subsection.
Using the probabilities inferred from our merger trees, we infer that
P ∼ 0.06 for the case where 0.1% of the baryons are allowed to
be accreted by the BH, whereas P ∼ 0.63 for the case where 1%
of the baryons are allowed to be accreted by the BH. Thus it is not
at all unlikely that source A may indeed have formed a DCBH.

3.7 Source A as a DCBH

Following the argument in the sections above, it is clear that source
A could have formed a DCBH between 19 < z < 23. Assuming
that a DCBH with a seed mass of 105 M⊙ (104) did form in A at
z = 21, it can grow to MBH = 7.5 × 1010 M⊙ (7.5 × 109) by
z = 6.6 via Eddington accretion with fedd = 1, ϵ = 0.1. To better
understand the final state of the BH in source A, we model its SED
as a multi–colour accretion disk surrounded by photoionized gas.

The nebular emission produced by the latter is predicted
as in Zackrisson et al. (2011), using the photoionization model
Cloudy (Ferland et al. 1998) under the assumption of metal-free,
constant-density (100 cm−3), radiation–bounded nebula. The to-
tal SED is generated by adding the nebular SED to that of
the accretion disk, correcting the Lyα line by a further escape
fraction (fesc,Lyα) to accommodate possible flux losses in the
IGM while setting the flux at wavelengths shortward of Lyα to
zero to simulate the Gunn-Peterson trough. The integrated HST
(NIC3/F110W, NIC3/F160W) and Spitzer (IRAC/3.6µm: IRAC
Ch1 IRAC, IRAC/4.5µm: IRAC Ch1) broadband fluxes are then

Figure 4. Mass assembly history of CR7. We associate a 1012 M⊙ DM
host halo at z = 6.6 to the stellar system B. The light grey region bounds
the 16th–84th percentile of the 500 realisations employed to compute the
mass assembly history of B’s host halo. The 5 thick lines are just few of the
such realisations colour coded in order to be distinguishable. The thin lines
(possible host haloes of A), are the mass assembly histories of what end up
being subhaloes of the host haloes (thick lines of corresponding colours) of
B. The dark grey region marks the time–window most suitable for DCBH
formation. The vertical jump in the thin lines at z <

∼ 7 indicates accretion
into their current z = 6.6 hosts, i.e. the transition from being host haloes to
subhaloes. The atomic cooling limit Tvir = 104 K is plotted as the dotted
line.

computed from this final SED redshifted to z = 6.6 and corrected
for the luminosity distance.

Our fit to the observables is shown in Fig. 2 (blue), using the
model described above with a MBH ∼ 4.4 × 106 M⊙, accret-
ing at fEdd = 0.4, with a fesc,ion = 0 and fesc,Lyα = 0.16.
Note that this is the first study that attempts to fit a single spec-
trum to the proposed accreting BH powering clump A. We find that
the Lyα and HeII line fluxes, the HeII equivalent width and the
IRAC Ch2 flux are well reproduced, i.e. LLyα ∼ 9× 1043 erg/s,
LHeII ∼ 2.1 × 1043erg/s, LHeII

LLya
∼ 0.23, EW(HeII)∼ 85 Å.

Our model falls short in the IRAC Ch13, but we point out that in
this study we fit the EW of the HeII line, the Lyα luminosity, the
Lyα
HeII

line ratio, and the HST & Spitzer fluxes simultaneously with
a single accreting BH model. This ensures that there is no longer a
degeneracy in theMBH − ṀBH parameter space since only spe-
cific values of the black hole mass and accretion rate give rise to the
right slope (and normalisation) for the multi–colour disk spectrum,
which leads us to the re–emitted nebular component.

The final BH mass and accretion rate is also consistent with
the formation epoch of z ∼ 20, if we assume a seed mass of
2×104 M⊙ (typical range for DCBH), accreting constantly at 40%
of the Eddington rate. A range of seed masses, formation epochs
(19 < z < 23) and accretion rates can be accommodated by invok-
ing a time varying accretion rate as long as we end up at z = 6.6,
with a finalMBH ∼ 4.4 × 106 M⊙ and fEdd ∼ 0.4.

3 We emphasize, therefore, that further modeling of the nebular emission
and source spectrum is warranted.
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Figure 3. Tracing LWhistory of CR7. The photo–detachment rate (kde) and
the photo–dissociation rate (kdi) computed at a distance of 5 (dotted line),
10 (dashed line) and 20 kpc (dashed-dotted line) at each redshift from the
stellar system B & C, plotted against the curve that demarcates the region
in the kde − kdi parameter space where DCBH formation is permissible.
The kde − kdi tracks that allow for DCBH formation all begin at z = 23

(solid black circles) but end at different times due to the evolution of the
SED and the separation assumed between A and B& C. The upside down
triangle, upright triangle and the star symbol correspond to z ∼ 19, 8, 7.

a conservative pessimistic case, that the separation is 5 kpc. This
provides an estimate of the latest redshift by which A must form a
DCBH which is at z ≈ 19. Thus the window for DCBH formation
in A is 19 < z < 23.2

3.5 Putative halo assembly histories

Now let us examine the assembly history of the halo that hosts
source A of the CR7 system over redshift to assess its feasibility as
a DCBH site. A stellar mass of∼ 1010 at z = 6.6 for system B im-
plies a DM host halo mass of the order of 1012 M⊙ (Behroozi et al.
2012). Such a DM halo has a virial radius of ∼ 45 kpc (physical),
and it is thus safe to assume that the entire CR7 system is embedded
within the virial radius of B’s host halo at z = 6.6.

Using the method of Parkinson et al. (2008), and adopting the
WMAP7 cosmology outlined earlier, we construct an ensemble of
500 merger trees for a host halo of mass 1012 M⊙ at z = 6.6.
These are used to construct the average mass accretion history
(MAH), and its halo-to-halo variance, using the method outlined in
van den Bosch et al. (2014). The light grey region in Fig. 4 bounds
the 16th–84th percentiles, while the solid, thick lines indicate a
random subset of the 500 realizations used.

Next we search each merger tree for branches (corresponding
to dark matter subhaloes) that could host a DCBH (i.e., source A).
The dark grey region in Fig. 4 bounds the time frame most suitable
for DCBH formation, i.e. the LW conditions are met at z < 23
and metals from B & C have not yet made it to A at z > 19. The
dotted line marks the Tvir = 104 K limit, below which baryonic
gas cannot cool. Hence, in order for a DCBH to form, we require
that its host halo (which is to become a subhalo of the host halo of

2 We note that, even if metals did reach source A, it is possible that they
did not mix thoroughly with the dense gas from which the observed nebular
emission originates (see e.g Cen & Riquelme 2008).

B at a later time) upcrosses the atomic cooling limit in the redshift
range 19 < zupcross < 23. Also for this halo to form a DCBH that
is sufficiently massive it needs to be able to accrete enough gas so
that it can grow from its seed mass (here assumed to beMseed

BH =
105 M⊙) to its inferred mass of 4.4 × 106 M⊙ at z = 6.6. If we
make the conservative assumption that the BH growth is such that it
ends up on the z = 0 BH mass - bulge mass relation, roughly 10−3

of the baryonic mass accreted by the DCBH’s host halo (Li et al.
2007; Kulier et al. 2015) has to be funnelled into the black hole.
Taking into account that the mass of a dark matter halo is arrested
once it becomes a subhalo, due to the tidal forces of the host halo
(see Jiang & van den Bosch 2015, and references therein), this puts
the following criterion on the mass history of the halo that hosts the
DCBH (source A):

MDM (zacc)−MDM (zupcross) >

MBH (z = 6.6) −Bseed
BH (zupcross)

10−3fb
≃ 2.9× 1010 M⊙

Here zacc is the redshift at which the halo that hosts the DCBH is
accreted into the host halo of source B, and fb ≃ 0.15 is the uni-
versal baryon fraction. Finally, in order for the BH to be observable
at z = 6.6, it must still be accreting at that redshift. The growth of
the halo A is arrested once it becomes the subhalo of B, thus the
BH in A grows from the gas reservoir that was accumulated prior
to A’s accretion by B. Under the assumption that gas accretion onto
the BH is depleted within 1 free fall time and that we require that
A should still be accreting, we deduce that the merger of A onto B
occurred between z=6.6. and z=7.5.

The thin lines in Fig. 4 are a random subset of mass accretion
histories of subhaloes of host haloes that reach a mass of 1012 M⊙

at z = 6.6 that meet the following criteria:

• upcross the atomic cooling limit between 19 < zupcross <
23,
• accrete onto the host halo of source B at 6.6 < zacc < 7.5,
• have enough gas to feed the BH, i.e. MDM (zacc) −

MDM (zupcross) > 2.9 × 1010 M⊙,

and that therefore potentially host a DCBH. We find that a host
halo of 1012 M⊙ at z = 6.6 has on average 0.2 subhalos that meet
all these criteria. Out of 500 realizations, 78 (∼ 16%) have one
subhalo that meets all three criteria listed above, while 1.5% of
the host halos have 2 subhaloes or more that meet all criteria.We
emphazize that the criteria used above are fairly conservative: in
principle BHs at high redshift could accrete more than 0.1 percent
of all the baryons (Alexander & Natarajan 2014; Volonteri & Rees
2005), and it might take significantly longer than one free-fall time
for the gas to be accreted by the BH after being accreted by its
halo. For example, if we assume that 1, rather than 0.1, percent of
the baryons are accreted by the BH, we find that each host halo has
on average 3 subhalos that meet all criteria. Of all the realisations,
96% haloes have at least one subhalo that meet all the criteria and
79% have 2 or more such subhaloes.

Hence, we conclude that a typical host halo of mass 1012 M⊙

at z = 6.6 can easily host one or more subhalos with a DCBH, as
long as it has been exposed to sufficient LW radiation. In the case of
CR7, this implies that the subhalo that hosts source A should have
remained within a radius of roughly 20 kpc (physical) from source
B (and/or C) over the redshift range 19 < z < 23 (which is the
epoch at which we postulate that the DCBH formed). We address
this issue in the next subsection.
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Summary
Local LW radiation is more important than global background 

DCBHs form close to one galaxy with distance < 15 Kpc that 
dominants the LW radiation, and merge with it later.   

Number densities are <1 Mpc-3 at z~6 

DCBHs start as OBGs and move toward the local MBH-Mbulge 
relation via mergers 

DCBH should have HeII/H-alpha fluxes > 2 while growing 

The escape fraction form DCBHs is low < 0.1 

CR7 could host a DCBH based on the SFHs of system B+C  


